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Master Thesis Opportunities

Are you interested in planet formation and would like to carry out a research
project in this field? Please, contact me at judits@ethz.ch for more information.

Prelude

Planet formation is still an unsolved problem, therefore there is no definitive
answer yet how exactly the exoplanets and our Solar System planets have formed
and whether there is one generic scenario that works uniformly in the universe.
The following will describe our current understanding, but the field is evolving
rapidly almost day by day, partially that makes research in planet formation so
exciting!
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1 Young Stellar Objects and their Disks

The dust and gas disks formed around young stars are the birthplaces of planets,
therefore it is crucial to study and characterize these disks in order to understand
the conditions in which planets are formed.

Figure 1: Summarizing the evolution of the disks around pre-main-sequence
stars. These traditional SED classes were defined by Lada (1987) with the
extension by Andre et al. (1993). For more explanation, see text.

Young stars are born in massive, 104 - 106MSun Giant Molecular Clouds. As
massive clumps form in Giant Molecular Clouds, these clumps fragments into
smaller cores, which then collapse and star formation begins. First, the young
protostar is surrounded by a massive, accreting envelope. These so-called Class 0
objects (Andre et al., 1993) are observable mostly in sub-millimeter wavelengths
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(Figure 1). As shown in the figure, the spectral energy distribution (SED)
of the object can be fitted by that of a cold blackbody at this stage. Since
the cloud had originally some angular momentum, it rotates, and slowly an
accretion disk forms around the star. Because of its turbulent viscosity, the gas
is spiraling inwards in the disk, feeding the star, while the angular momentum
is transported outward in the disk. Magnetic effects launch powerful polar
jets of material, which evacuate part of the mass advected by the disk. The
SED’s of these Class I objects (Lada, 1987) can be decomposed into the SED
of a black body plus a large infrared (IR) excess, which peaks in the far-mid
infrared. With time, the accretion decreases, so the bipolar jets weaken as
well. The Class II phase SED (Lada, 1987) is characterized by the pre-main-
sequence star’s blackbody emission and mostly near-mid IR excess due to the
gas-dust protoplanetary disk surrounding the young star. The accretion rate of
an average T Tauri 1 star is of the order of 10−7 − 10−8MSun/yr, sometimes
with accretion bursts (∼ 10−6MSun/yr), when a large amount of material falls
onto the star in a short amount of time, like in the case of the FU Orionis- and
EX Lupi-type objects and other eruptive young star types. When the accretion
drops below ∼ 10−9MSun/yr, the photoevaporation begins to dominate. First,
a large gap starts to form often at about 1 AU (so-called pre-transitional phase),
then large inner cavities can be observed (transitional disks). In the late stages
(> 10 Myr) of the disks the gas is totally dissipated away from the disk by
photoevaporation and winds. After that the gas has been removed only dust
grains remains apart from the already formed planets and planetesimals (see
planetesimal definition in Sect. 1.3). The SEDs of the debris disk phase is
mostly characterized by stellar blackbody emission, plus a little bit of excess
peaking around 100 microns.

1.1 When do planets form?

Thanks to the daily increasing sample of exoplanets, it is more and more ac-
cepted in the community that every young star has a circumstellar disk around
it, and every one of them forms some kind of planets. The diversity of the ob-
served planetary systems poses a challenge for the planet formation scenarios,
since these models should work in every of the exoplanetary systems. One of
the main questions is when do the planets start to form and how long is their
formation timescale.

Inevitably, (gas giant) planets mostly form in the Class I and Class II disk
phases. Because these disks are very bright in infrared wavelengths due to the
strong emission of their dust component, it is very difficult to observe young,
forming planets. However, year by year, younger and younger planets are ob-
served. One of the first stunning cases was LkCa15 (Kraus & Ireland, 2012)
with its ∼ 2Myr age, and a planetary candidate of at most 6MJup mass. Since
then other two planetary candidates have been found in this system. Recently,

1T-Tauri stars are Solar-like pre-main sequence stars, that are < 2MSolar. In constrast,
the 2−8MSolar pre-main sequence stars are called Herbig Ae/Be stars, they evolve faster, due
to their large mass.
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Quanz et al. (2015) found HD100546 b via high contrast imaging. The planet is
5− 10MJup, and it is only ∼ 1 Myr old, which makes it the youngest exoplanet
found to date. This system also revealed an inner candidate at ∼13 AU (Brittain
et al., 2014). The third system where planets are known during their formation
is HD169142, where again 2 planets have been detected (Reggiani et al., 2014;
Osorio et al., 2014) at 23 AU and at 50 AU. It is inevitable to mention the
spectacular ALMA image of HL Tau (Fig. 2), where multiple gaps can be seen
in the dust distribution, possibly revealing young, forming planets (however, it
is not the only possible explanation; e.g. Zhang et al. 2015, Loren-Aguilar &
Bate 2015). The age of the system is around 100,000 years (with a maximum of
1 Myr, Swift & Welch 2008; Boss et al. 1989), which would indicate that even
in the outer disk, this timescale was adequate to form massive enough planets
that can carve gaps in the midplane’s dust.

Figure 2: HL Tau’s disk observed by ALMA. The presence of gaps in the dust
distribution might mean the presence of forming planets. There are also other
mechanisms though, which can produce such rings and gaps.

In conclusion, we have now observational evidence that planets exist earlier
than about 1 Myr, so the formation mechanism has to be fast enough to build
(giant?) planets within this timescale. It is obvious that gaseous giant planets
need to form within the gaseous disk’s lifetime, and the latter is constrained
to be less than 3-5 Myrs (Fedele et al., 2010). terrestrial planets, on the other
hand, mainly form via collisions (see later) and they do not need existing gas,
therefore, they can even grow in the debris disk phase (Class III) up to ∼ 10-15
Myrs.

1.2 The Observed Mass-Distribution of Planets

Since 1992, when the first exoplanet was discovered around a pulsar (Wolszczan
& Frail, 1992), and shortly after a solar-type star (Mayor & Queloz, 1995), the
planet population increased enormously, to date, 3608 exoplanets discovered 2.

2according to exoplanet.eu as of 2017/05/02
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This vast sample allows to study the distribution of parameters of the plan-
ets. If we look at the planetary masses of the giant planets (see Figure 3), we
see that the large majority of them has sub-Jupiter masses. The distribution
after Jupiter-size sharply declines and only very few planets exceeds 4 Jupiter-
masses. In other words, the super-giants are very rare in the universe. On the
other hand, terrestrial planets, super-Earths (up to 10 M˙Earth rocky planets)
mini-Neptunes (same mass regime but significant amount of gaseous envelope),
and ice giants (like our Uranus & Netptune) seem to be very abundant. The
planet formation scenarios accepted today cannot easily explain the observed-
mass distribution and the fact that the system architecture of the Solar System
is an oddball among the exoplanetary system architectures. Several mecha-
nisms, which are independent of the formation scenario is needed to explain the
differences between the planetary systems. A few examples are the followings.
The planets interact with the gaseous circumstellar disk due to mutual gravita-
tional attraction which chnages in the disk density structure, leading to change
the orbits of the planets, this mechanism is the so-called migration. There are
two main types of migration, called Type I and Type II. Former is for small
mass planets and the timescale of migration is short relative to the million-year
lifetime of the gaseous disk, it scales with the mass of the planet and the gas
density in the planet vicinity. Type II migration is for larger mass planets that
are open gaps in the gas disk (usually Saturn or more massive planets). They
migrate together with their gap and the migration rate is depending on the
viscosity and a few other factors. Type II is a slower migration rate than Type
I. The observed hot-Jupiters are the results of migration in most cases. In gen-
eral, migration can be inward (total torque is negative), outward (total torque
is positive) or can be stalled.

If there are multiple planets in the system, they can also affect each other
via their gravitational interaction, for example by planet-planet scattering (that
also result in a change in their orbits, or, in extreme case one often can be ejected
from the planetary system). Those planet which are ejected from the planetary
system called free-floating planets. These planets can be captured by nearby
stars, which is a likely scenario for the planets observed to orbit hundreds of
AUs away from their star. Apart from migration and planet-planet scattering,
there are other dynamical interactions, magnetic field effects, stellar- and disk-
wind effects, photoevaporation, etc. Depending on the initial conditions of the
star and its protoplanetary disk, and the history of the system (e.g. encounters
with nearby stars; birth, evolution & loss of the planets) the outcome of the
final planetary system is always different, always unique.

1.3 Building Blocks of Planets

Regarding the size of the object we talk about different monomers (Ormel lecture
notes, 2016):

• dust grains – up to 1 µm, that are either the remainings of molecular
cloud where the star have formed or they have been condensed out later
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Figure 3: The distribution of planetary masses of the observed exoplanet pop-
ulation. Clearly, the distribution beyond Jupiter-size sharply declines and only
fewer planets exceed above 3 Jupiter-masses. The distribution of planets more
massive than 0.3 Jupiter masses can be considered unbiased (Mayor et al., 2011).
Figure and data from exoplanet.eu

from the cooling protoplanetary disk.

• aggregates/fractals are the first product of dust coagulation. We talk
about sizes from µm up to ∼cm. They are usually porous.

• pebbles: mm-cm sized monomers, usually not very porous

• boulders meter-sized rocks, they orbit with Keplerian speed.

• planetesimals: sub-km to few 102 km. These objects are massive enough
to start to hold material due to their gravity.

• (planetary) embryos: 103 km to 0.1 MEarth, they are quite rare in the
disk, but are the cores for planets to form. We call them also proto-planets,
oligarchs, planetary cores.

2 The Two Regimes: terrestrial and Giant Planet
Formation

In the Solar System and in many exoplanetary systems, we have rocky planets
that believed to form close to their star and the gas giants which are borned
beyond the snowline. Snowline is the radius (more precisely, a surface) where
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water freezes, that takes place around 3 AU in the Solar System. This means
that beyond the snowline, the dust particles contain a lot of ice, that helps to
stick things together (like the sand on the beach: it is significantly easier to
build a castle with the wet sand, than with dry sand). Beyond the snowline,
therefore, the rocky planetary cores can build faster and bigger than within the
snowline. Giant planets might have rocky cores of 10-20 MEarth (Guillot et al.,
2004), that is significantly larger mass than our terrestrial planets. Therefore,
the formation and timescale differ very much within and beyond the snowline.
terrestrial planet formation is dominated by collisions of rocky objects (Sect.
2.1) and lasts presumeably for several million years. Giant planet formation
has to end when the gaseous circumstellar disk dissipates (3-5 Myrs), therefore
interestingly, gas-giants are believed to form faster than rocky planets. There
are two main giant planet formation scenarios in the literature: disk instability
and core accretion. They are both viable, they work well in different regimes,
therefore it is possible that some exoplanets formed via one, while other planets
through the other mechanism.

2.1 Terrestrial Planet Formation

As the circumstellar disk cools, more and more dust condensates out. The
dust grains begin to aggregate and stick together building up larger objects.
These objects collide (and fragment), thus some become more and more massive,
climbing up the size leather. These larger bodies then gravitationally attract
the smaller ones around them. The region, where the planetesimal’s gravity is
larger than of the star’s is called the Hill-sphere:

RHill = a

(
Rpl

3Rstar

)1/3

(1)

where a denotes the distance between the planetesimal (whose radius is Rpl)
and the star (with a radius of Rstar). The feeding zone of the planetesimal
is a few times of the Hill-sphere. Once it accreted all the available material
in the feeding zone, the embryo reaches the so called isolation mass, that is
0.01-0.1MEarth in the inner disk. As the amount of gas is decreasing in the
protoplanetary disk (moving toward the debris disk phase, called Class III in
Sect. 1), the collisions become more frequent among the bodies. This is when
giant impacts start. One of the proof of such an event is the existence of our
Moon: the Earth was impacted by a Mars-sized proto-planet, which ejected a
lot of mass into space that made a debris disk around Earth. From this debris
disk Moon was eventually formed.

2.2 Giant Planet Formation via Disk Instability

According to this scenario, the gravitational instability of gas creates spiral arms
and clumps in the protoplanetary disk, which then collapse into proto-planets
(Boss, 1997). Typically, for this mechanism to work, one needs massive disks,
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and even in that case usually only the outer parts of the disk could become
gravitationally unstable (Fig. 4).

Figure 4: Disk instability computer simulation where we see spirals and clumps
forming that are collapse into giant planets on the timescale of ∼ 104 years.
(Simulation is made by L. Mayer & T. Quinn)

This model has the advantage over the core accretion model that it needs
significantly less time to form a planet (104 years for a Jupiter-mass planet),
especially in the outer disk. Therefore, it is a favored model to explain planets
that orbit far away from their star. However, the weakness of this model is that
it requires special conditions to occur, namely the disk has to become gravita-
tionally unstable. To determine whether a disk is gravitationally unstable, the
Toomre criterion (Toomre, 1964) is widely used:

Q =
csΩk

GπΣ
(2)

where cs is the sound speed, G is the gravitational constant, Σ stands for
the surface density of the gas. For the instability to happen, Q < 1 is needed.
More precisely, sub-unity values mean that the disk is unstable with respect to
ring-like disturbances. In fact, spiral arms already appear at Q ≤ 1.7 (Durisen
et al., 2007), and it was proved that for isothermal disks, fragmentation happens
when Q <1.4 (e.g., Nelson et al. 1998). One of the reason for the flexibility on
the threshold value is that the criterion was derived for an infinitesimally thin,
axis-symmetric disk, and real protoplanetary disks are very different. Therefore,
one needs to keep this in mind when determining the instability of a simulated
or an observed disk. Often the disk instability scenario is ruled out to explain
an observed young planetary system with the argument that the disk is not
gravitationally unstable – at the present, observed stage. However, one should
bear in mind that we have no information of what were the disk parameters when
the planets formed. Therefore, it cannot be determined whether the disk could
have been unstable originally, and whether this type of formation mechanism
could have created the observed planets in the system. Another constraint for
the disk instability scenario is the cooling timescale of the disk (β = τcoolΩK).

8



The gas clumps need to cool and contract rapidly, otherwise they are destroyed
by the disk’s shear. What is a sufficient cooling time at a given radius of the
disk is highly debated to the literature, but it ranges from a few to a couple
dozen of orbital periods. This rapid cooling time can happen only in the outer
protoplanetary disk (beyond approx. 30 AU, depending on the disk mass and
temperature).

2.3 Giant Planet Formation via Core Accretion

The Core Accretion model by Pollack et al. (1996) and Bodenheimer & Pollack
(1986) works the best in the inner protoplanetary disk (within approx. 30 AU).
This mechanism consists three main phases, as shown on Figure 5. The first
phase is the coagulation of solids into a core of ∼ 10 MEarth. This stage ends
when the proto-planet reached the isolation mass, i.e. the planet emptied its
feeding zone of planetesimals. When the proto-planet reached this size, the
gravity of the planet is already enough to keep some gas bounded to the planet,
hence the slow envelope accretion – the second phase – begins. When the
envelope grows, the feeding zone of the planet becomes slightly larger as well,
therefore a bit more solids are accreted to the core. As the core and envelope
grow, the total gravity grows as well, which leads to the attraction of more gas.
This second stage is the longest, it can last for couple of million years. At every
time, the envelope is in a state of hydrostatic equilibrium, as described by the
equations below:

dP

dr
= −GM(r)ρ

r2
(3)

where ρ stands for the density at a particular radius r from the center of the
planet, and M(r) is the integrated mass till this radius r. This equation is valid
for r > rcore and M(rcore) = Mcore. The equation for mass conservation can
be written as:

dM(r)

dr
= 4πr2ρ (4)

while the energy equation is:

dL

dr
= 4πr2ρε (5)

where ε represents the heat deposited at radius r by the accretion of plan-
etesimals.

Finally, the equation for the radiative transport:

dT

dr
= − 3κLρ

64πσr2T 3
(6)

here, κ is the opacity, L represents the luminosity, σ is the Stefan-Boltzmann
constant and T stands for the temperature. To close the system of equations,
the equation of state is needed to be defined:
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P =
kB
µ
ρT (7)

where kB is the Boltzmann constant and µ is the mean molecular weight.
The system of equations above is a closed system that can be solved numer-

ically, once ε is known. Knowing ε requires knowledge of the accretion rate of
solids and of how the solids sink into the envelope. The system can be simpli-
fied assuming that dL/dr = 0 and L = GMcoreṀ/rcore. Then, the solution of
the system of equations depends just on two parameters: Mcore and Ṁ (or L).
Once L is fixed, one finds that there is a solution M(r) for every value of Mcore

up to a limit value Mcrit. Mcrit decreases steeply with L (Mizuno, 1980; Hori &
Ikoma, 2010; Rafikov, 2006). At Mcore = Mcrit, the envelope mass is typically
comparable to the core mass.

When the hydrostatic equilibrium is broken, the accretion proceeds in a
runaway (i.e. exponential) fashion (phase III of Pollack et al. model). In fact,
the process is dominated by the gas self-gravity so that the more massive is the
envelope, the faster it accretes. The envelope contracts on the Kelvin-Helmholtz
timescale. This is the approximate time it takes for a planet to radiate away all
of its gravitational potential energy at its current luminosity rate (Ida & Lin,
2004):

tKH ' 10b
(

Mp

MEarth

)−c(
κ

1gcm−2

)
yr. (8)

where b and c power-law indexes range between 8-10 and 2.5-3.5, respectively
(Ida & Lin, 2004) based on the opacity (κ) considered.

The formation only stops when no more gas can be accreted, e. g. when
the left-over gas in the circumstellar disk cleared away by photoevaporation.
The accretion rate is nevertheless limited by the capability of the circumstellar
disk to transport gas towards the planet orbit: so Ṁplanet < Ṁdisk. Lubow &
D’Angelo (2006) find that the accretion rate of a Jupiter mass planet can be
∼90% of Ṁdisk (the latter measured outside of the planet’s orbit).

Thus, if the runaway accretion phase starts at time t0, the final mass of the
planet will be: ∫ ∞

t0

Ṁdisk exp(−t/τ)dt (9)

where Ṁdisk is the mass flux in the disk at time zero and τ is the decay constant
of the mass flux. This integral (Eq. 9) has to be of the order of Jupiter’s mass if
one wants the final mass distribution of giant planets to peak at this mass value.
It is unclear if this can be the case. At the beginning of the disk lifetime, Ṁdisk

is large (a few 10−7 solar masses/yr) and τ is large (about a Myr; Hartmann et
al. 1998), so that the integral gives hundreds of Jupiter masses. Later, when the
disk’s accretion rate drops to ∼ 10−9 solar masses per year, photo-evaporation
becomes very rapid and τ is equal to a few 105 years only. So, the value of the
integral would be of the order of 1/10 of a Jupiter mass only. Thus, reproducing
the giant planet mass distribution may be problematic.
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Figure 5: Core accretion by Pollack et al. (1996). The colors representing the
3 main phases of core accretion: I - solid core coagulation, II - slow envelope
accretion, III - runaway gas accretion. The pink arrow pointing to the critical
core mass, when the core and envelope mass are equal, the point when the
runaway accretion starts.

A proposed stopping mechanism in the literature for the runaway growth is
the gap opening of giant planets. However, the fact that the planet opens a gap
does not prevent accretion, actually 90% of the gas is accreted through the gap
from the polar direction (Szulágyi et al., 2014). Some older studies based on 2D
simulations suggested that for very large mass planets (i.e. 5-10 Jupiter-mass),
the accretion is decreased or stopped due to the very large gap width (Kley,
1999; Lubow & D’Angelo, 2006), but others found that the accretion again
enhanced in this planetary mass regime (Kley & Dirksen, 2006). In fact, 3D
simulations clearly show that the accretion process is very different than what
is found in 2D, and our own experience is that the accretion does not stop even
at 10MJup planets (Szulágyi et al., 2014; Morbidelli et al., 2014). Therefore,
this accretion stopping mechanism due to gap opening is less likely.

Another problem with the core accretion scenario is the overall formation
timescale, which is about 10 million years for a Jupiter-mass planet at Jupiter’s
location (i.e. at 5.2 AU; see Fig. 5). However, the average lifetime of the gas
disk is ∼ 5 million years (Fedele et al., 2010), and for all disks the debris disk
phase (i.e. when almost no gas is left in the system) is definitely reached by
10 million years according to the recent observations (e.g. Rieke et al. 2005; Su
et al. 2006; Ertel et al. 2014; Wyatt et al. 2015; Chen et al. 2014). Therefore,
overall, the core accretion model seems to be too slow to form the majority
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of the giant planets. The length of phase II of the core-accretion scenario can
be reduced if one assumes a disk with reduced opacity. Nevertheless, the core
accretion process becomes slower with increasing distance from the star. Hence
the large semi-major axis planets (e.g. the directly imaged wide separation
planets, such as in the system of HR8799) cannot be explained by this forma-
tion scenario, unless these planets migrated outwards significantly from their
birth-place. Even though Piso et al. (2014) argued that the critical core mass,
which induce runaway gas accretion, drops to 5MEarth at 100 AU with realistic
equation-of-state and opacities, Rafikov (2011) showed that this critical core
mass cannot be reached over the gaseous disk’s lifetime beyond 40-50 AU. In
the Solar System, the formation of Uranus and Neptune is also problematic
(Levison & Stewart, 2001).

Finally, the last problem with the Pollack et al. (1996) model is that it is
a 1-dimensional model, while the 3D mechanisms can change the effects and,
particularly, the angular momentum of the infalling gas relative to the planet,
which cannot be captured in a 1-D model. The solution is that giant planets
form their own disk around them, this so-called circumplanetary disk can act as
a bottleneck for the accretion in the third phase and can slow down by a factor
of 40 (Szulágyi et al., 2014).

From an observational point of view it is crucial to mention how the lumi-
nosity of the planet changes during these stages of formation. Lissauer et al.
(2009) and Mordasini et al. (2011) showed that the proto-planet quickly gains
an order of magnitude in luminosity during the first phase of formation, then
the luminosity decreases a bit at the beginning of the second phase, followed by
a slow increase as the planet mass slowly grows as well (Figure 6). Then the lu-
minosity very sharply increase again by more than 2 orders of magnitude in the
runaway phase. At that time, the young Jupiter should have reached a spectacu-
lar 10−4LSolar luminosity, which shows that young, forming proto-planets could
be observed especially during the runaway phase. The likelihood of observing a
forming planet is even better in the near-infrared, where the planet is the most
luminous compared to its star. Indeed, in the last ∼ 10 years, great efforts have
been made and results have been achieved in direct imaging of exoplanets, and
even some of these planets were caught during their formation.

2.3.1 Pebble Accretion

A big improvement of the core-accretion scenario is offered by the pebble accre-
tion model for planetary cores developed in Ormel & Klahr (2010); Lambrechts
& Johansen (2012, 2014). They showed that the accretion of cm-sized pebbles
– in contrast to the classical, km sized planetesimals – can enormously speed up
the first phase of the core accretion, namely the solid core accretion phase. Ac-
cording to their analytical calculations and numerical simulations, the timescale
of accretion can be shortened by a factor of 30-1000 at 5 AU, and 100-10000 at 50
AU. Of course, for this model to work, one needs a significant amount of cm-dm
sized pebbles in the midplane, which is supported by the dust coagulation and
drift model developed in Lambrechts & Johansen (2014). Moreover, ∼100 km
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Figure 6: The top figure represents a formation of a planet via core accretion,
similarly to Figure 5. Notice however the reduced timescale relative to that
figure, due to a smaller assumed opacity of the disk. The bottom panel shows
the corresponding luminosity of the planet, during its formation. For more
explanation see the text. Figure from Lissauer et al. (2009).

sized planetesimals needed as seeds. The latter could be formed by via gravita-
tional instability after that self-gravitating clumps of pebbles are created either
by the streaming instability (Johansen & Youdin, 2007) or by concentration in
vortices (Johansen & Youdin, 2007; Cuzzi et al., 2001, 2008). Also, there are
observational evidences for large amount of pebbles in young circumstellar disks
(e.g. Wilner et al. 2005; Zhang et al. 2015), which grew through the process of
dust coagulation and settling in the midplane.

The pebble accretion scenario predicts a large population of ice and gas
giant planets, around very young (∼ 1 Myr) stars. Indeed, a couple of directly
imaged planets fit into this picture, and the amount of planets in this regime
grows year by year. One additional advantage of the pebble accretion scenario
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is that it can explain why some giant planets end up as ice giants, like Uranus
and Neptune, and why some become massive gas giants like Jupiter or Saturn.
In fact, Lambrechts et al. (2014) showed that at a given core mass, the proto-
planet carves a gap in the pebble disk. This stops the further accretion of
pebbles resulting in a drastic drop in core’s luminosity. As shown in Sect. 2.3,
a decrease in luminosity decreases the critical core mass for the runaway gas-
accretion phase. Thus, the core of the planet, once pebble accretion is shut
off, becomes suddenly super-critical. This triggers the phase III of the core-
accretion scenario without passing through a long phase II. In this scenario the
ice-giant cores never reached this critical mass to open a gap in the pebble disk.
They have a thin envelope enriched in water vapor by the accreting icy pebbles.
According to this model, the ice giants are predicted to be in the outer disk,
where the critical core mass to open a gap in the pebble disk is very high, while
gas giants are supposed to form somewhat closer to the star, but still beyond
the ice-line, which also fits very well for the Solar System case. Note, however,
that the pebble accretion process can provide the solution only for the formation
timescale problem of the cores of the planets, but not to the problem of the final
mass distribution of giant planets.
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